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Abstract
We consider the diffusive shock acceleration in interstellar bubbles created by powerful stellar winds of supernova progenitors.
Under the moderate stellar wind magnetization the bubbles are filled by the strongly magnetized low density gas. It is shown
that the maximum energy of particles accelerated in this environment can exceed the ”knee” energy in the observable cosmic ray
spectrum.
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1. Introduction
It is well established that supernova remnants (SNRs) are
efficient accelerators of protons, nuclei and electrons. They
are the principle sources of Galactic cosmic rays. The dif-
fusive shock acceleration (DSA) mechanism [1, 2, 3, 4] can
provide the acceleration of the charged particles at shocks of
SNRs. During the last decades the excellent results of X-ray
and gamma-ray astronomy supplied the observational evidence
of the presence of multi-TeV energetic particles in these objects
(see e.g. [5] for a review).
It is clear now that some magnetic amplification mechanism
is needed for the acceleration of cosmic ray protons beyond
PeV energies. The most popular one is the amplification in
the course of the non-resonant streaming instability suggested
by Bell [6]. The instability is produced by the electric current
of highest energy particles escaping to the upstream region of
the quasiparallel shock. In this regard the accelerated particles
prepare the magnetic inhomogeneities for effective DSA them-
selves. It was shown recently that the similar instability oper-
ates at quasiperpendicular shocks [7].
The amplified magnetic fields indeed present in young SNRs
as it was determined from the thickness of X-ray filaments [8].
The highest magnetic fields were found for young SNRs Cas A
and Tycho. One can expect that the particle acceleration is very
efficient in these objects. However the recent gamma ray spec-
tral measurements performed for these remnants revealed spec-
tral breaks or even cut-offs at TeV energy [9, 10, 11, 12]. This
means that at present the protons are accelerated to energies of
the order of 10 TeV in these remnants. The maximum ener-
gies were not significantly higher in the past because of rather
high shock speeds about 5 thousands km s−1 at present. The
most probable explanation is the small size of magnetic distur-
bances generated via the non resonant streaming instability and
the suppression of the effective acceleration by large scale elec-
tric fields appearing under the development of this instability
[13].
On the other hand there are several more efficient cosmic ray
accelerators like RXJ1713.7-3946, Vela Junior with maximum
energies close to 100 TeV and without the strong magnetic am-
plification [5]. Probably the blast wave in these remnants prop-
agates in the low density (n < 0.1 cm−3) medium produced by
the stellar wind of the supernova progenitor. So the unexpected
results of the modern gamma-ray astronomy draw our attention
to DSA in such environments.
In this paper we consider DSA in wind blown cavities. As
we shall show below the magnetic field in cavities produced by
powerful winds of O-stars and Wolf-Rayet (WR) stars can be
high enough to provide the acceleration of cosmic ray particles
up to PeV energies.
The paper is organized as follows. In the next Sections 2-4
we describe the magnetic structure and the particle acceleration
in wind blown bubbles. The numeric results of magnetohydro-
dynamic (MHD) simulations and DSA modeling are given in
Sections 5 and 6 respectively. The discussion of results and
conclusions are given in Sections 7 and 8.
2. Acceleration in wind blown bubbles
Vo¨lk and Biermann suggested acceleration of cosmic rays in
stellar wind cavities [14]. As the magnetic field is almost az-
imuthal at large distances from the progenitor star the spherical
shock wave produced in the supernova explosion is quasiper-
pendicular. Acceleration rate at such shocks can be higher than
the rate obtained in the so called Bohm limit when the scattering
frequency of particles ν is comparable with the gyrofrequency
Ω [15, 16, 17].
However the energy gain at the perpendicular shock is ac-
companied by the drift of particles along the shock surface in
the direction perpendicular to the regular magnetic field. The
particles get energy in the electric field E = −[u × B]/c in the
shock frame. The maximum energy is determined by the elec-
tric potential difference under the condition ν ≪ Ω. For acceler-
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ation in the stellar wind the resulting maximum energy is com-
parable with the one obtained in the Bohm limit. It is important
that the high level of MHD turbulence in the shock vicinity is
not necessary for the efficient acceleration in this quasiperpen-
dicular regime. The low level of background turbulence that
presents in the stellar wind can be enough. This is contrary to
the quasiparallel shocks where the high level of MHD turbu-
lence is needed for the justification of the Bohm diffusion.
We can estimate the maximum energy Emax of particles using
the relation DB(Emax) = κVsRs, where Rs and Vs are the shock
radius and speed respectively, DB(E) = v
2/3 |Ω| is the Bohm
diffusion coefficient of particles with velocity v, κ ∼ 0.03 − 0.3
is the numeric factor (see the Sect. 6 below). This factor κ =
1/3 if the maximum energy is limited by the electric potential
mentioned above.
For the steady stellar wind with the mass loss rate M˙ and the
wind speed uw the gas density ρ and the magnetic field strength
B at large distances r from the star are given by
ρ =
M˙
4piuwr2
, B = ± sin θ
BsΩsr
2
s
uwr
= ± sin θuw
√
4piρ
Mw
. (1)
Here Bs, Ωs and rs are the radial component of the magnetic
field, the rotation rate and the radius of the star respectively
and θ is the colatitude. It is more convenient to use the magne-
tosonic Mach number of the wind Mw = uw
√
4piρ/B
∣∣∣
θ=pi/2
be-
low. It is related with a frequently used magnetization param-
eter σ that is the ratio of magnetic and kinetic energy densities
of the flow as σ = M−2w . The maximum energy of particles with
charge q is then
Ewmax = 3κqBVsRs/c =
3κ
Mw
qVs
c
√
uwM˙ =
70 Z PeV
3κ
Mw
Vs
c
(
M˙
10−5M⊙yr−1
)1/2 (
uw
103 km s−1
)1/2
(2)
Here Z is the charge number and we use the wind parameters of
WR star. Then for Mw = 20, κ = 0.1 and the shock speed Vs =
104 km s−1 that is a characteristic value for Ib/c supernovae
with the ejecta mass Mej = M⊙ and the energy of explosion
ESN = 10
51 erg [18] we obtain the maximum proton energy 35
TeV.
The stellar wind is bounded by the termination shock at dis-
tance r = RTS where the magnetic field strength and the gas
density increase by a factor of σTS , where σTS ≈ 4 is the
shock compression ratio. The gas flow is almost incompress-
ible downstream of the shock and the gas velocity u drops as
r−2. The azimuthal magnetic field increases linearly with the
distance r in this region [19, 20, 21, 22]. This is a so called
Cranfill effect [23]. At distances where the magnetic energy is
comparable with the gas pressure magnetic stresses begin to in-
fluence the gas flow. We can use the energy conservation along
the lines of the flow for the description of this effect
u2
2
+
γ
γ − 1
P
ρ
+
B2
4piρ
= const. (3)
In addition the gas density and azimuthal magnetic field
strength are related as ρr sin θ/B = const. The first term in
Eq. (3) can be neglected in the incompressible flow. Then the
gas pressure and magnetic field strength can be found as func-
tions of distance r in the equatorial plane θ = pi/2 (see papers
[20, 24, 25, 26] for details).
At large distances the magnetic energy dominates thermal
and kinetic energies and drops as r−2 similar to the supersonic
wind region but with an additional amplification factor M2w/2
of the magnetic field [21]. The same is true for the maximum
energy of particles accelerated when the blast wave propagates
in the downstream region of the termination shock. However
the system should have the size large enough for this. We can
write down these two regimes in one expression for the max-
imum energy of particles accelerated by the blast wave in the
downstream region that is in the wind blown bubble
Ebmax = E
w
maxmin
M
2
w
2
, σTS
R2s
R2
TS
 (4)
where the maximum energy in the wind zone Ewmax is given by
Eq. (2). So even the modest ratio Rs/RTS ∼ 3 results in accel-
eration to PeV energies for blast waves of Ib/c supernovae.
Note that we have a well known physical object to check our
estimate given by Eq. (2). Anomalous cosmic rays that are
single charged ions are accelerated up to hundreds MeV at the
termination shock of the solar wind [27]. Using the solar wind
parameters Vs = uw = 400 km s
−1, M˙ = 2.5 · 10−14 M⊙ yr
−1,
Mw = 20 and κ = 1/3 we get E
w
max = 150 MeV.
We can use the theory of wind blown bubbles [28] to estimate
the radius of the termination shock in Eq. (4). Rewriting Eq.
(12) from Weaver et al. [28]
Rc
RTS
=
(
25
44
)1/2 (
15
16
)3/4 √
uwt
Rc
(5)
and taking into account that the radius of the contact disconti-
nuity Rc is close to the bubble radius Rb we obtain
Rb
RTS
=
(
25
44
)1/2 (
15
16
)3/4 (
308pi
125
)1/10
u0.3w t
0.2M˙−0.1ρ0.10
≈ t0.2kyrn
0.1
0
(
M˙
10−5M⊙yr−1
)−0.1 (
uw
103 km s−1
)0.3
(6)
where ρ0 and n0 are the mass and number densities of the sur-
rounding medium and we use Eq. (21) of Weaver et al. [28] for
the bubble radius Rb:
Rb =
(
125
308pi
)0.2
u0.4w t
0.6M˙0.2ρ−0.20 =
0.52 pc t0.6kyrn
−0.2
0
(
M˙
10−5M⊙yr−1
)0.2 (
uw
103 km s−1
)0.4
(7)
For the bubble age tkyr ∼ 300 that is the expected duration
of WR stage and for the density n0 = 10 cm
−3 in the parent
molecular cloud the termination shock radius is a factor of 4
2
smaller than the bubble radius Rb = 9 pc. Then the last factor
in Eq. (4) is of the order of 60 when the blast wave approaches
the bubble boundary and the maximum energy of protons is
several PeV for SNRs of Ib/c supernova. Note that the blast
wave has swept up 3M⊙ of gas at this time and therefore is in
the transition to the Sedov stage when the shock contains most
of the explosion energy.
We assumed that the the stellar wind is the only source of
the gas in the bubble. Contrary to this assumption Weaver at
al. [28] took into account the evaporation of the gas from the
bubble shell. The evaporationwas regulated by the thermal con-
ductivity flux from the hot interior to the cold shell. In the real
situation the conductivity can be suppressed by the azimuthal
magnetic field and by the scattering of thermal electrons on
magnetic perturbations in the turbulent medium of the bubble.
In the opposite case considered by Weaver et al. [28] the gas
density in the bubble is significantly higher in comparison with
our estimates. Then the blast wave quickly decelerated after
the crossing of the termination shock and particles can not be
accelerated to PeV energies. This result was already obtained
by Berezhko and Vo¨lk in their modeling of DSA in wind blown
bubbles [29].
For convenience we give expressions for the gas density and
magnetic field strength in the bubble below. Using Eq, (16) of
Weaver et al. [28] we get
ρ =
25
11
M˙t
4piR3
b
1 − r3
R3
b

−8/33
= 8.6 · 10−25
g
cm3
t−0.8kyr n
0.6
0
(
M˙
10−5M⊙yr−1
)0.4 (
uw
103 km s−1
)−1.2 1 − r3
R3
b

−8/33
(8)
For the magnetic field strength at the equator θ = pi/2 we
obtain
B =
25
11
√
M˙u3wt
MwR
2
b
r
Rb
1 − r3
R3
b

−8/33
=
690µG
Mw
t−0.2kyr n
0.4
0
(
M˙
10−5M⊙yr−1
)0.1 (
uw
103 km s−1
)0.7
r
Rb
1 − r3
R3
b

−8/33
(9)
Eqs (8) and (9) give infinite values of density and magnetic
field at the bubble boundary. This means that the approximation
used is not good enough in this region. However this happens
only in the narrow region near the bubble boundary. That is
why we shall omit the last factor in Eqs (8) and (9) for estimates
below.
For Mw = 20, tkyr ∼ 300 and for the density n0 = 10 cm
−3 we
obtain the number density nH = 0.015 cm
−3 and the magnetic
field strength B = 30 µG at the periphery of the bubble.
We used only WR stage of stellar evolution to estimate the
bubble parameters. We would obtain larger bubble size taking
into account the main sequence phase. However this situation is
less probable because of the possible motion of the star relative
to the circumstellar gas. For example the motion with 10 km
s−1 will leave far behind the star almost all low density gas pro-
duced during several millions years of the main sequence stage.
This is not so for the shorter and more energetic WR phase (see
also the modeling below).
3. Injection problem
It is known that the injection of ions is suppressed at
quasiperpendicular shocks [30]. However there are several pos-
sibilities to avoid this problem for the case of supernova explo-
sion in the stellar wind.
The magnetic field of stellar winds is radial close to the star.
Therefore the supernova shock is quasiparallel in the very be-
ginning. Then the injection of ions is efficient during the short
time after the explosion. The accelerated particles will generate
waves and turbulence via streaming instability. The amplified
magnetic field is almost isotropic and therefore injection will
take place at quasiparallel parts of the shock even when the blast
wave will reach large distances where undisturbed magnetic
field is azimuthal. Probably this situation is stable when the
shock is modified by the pressure of accelerated particles. The
modified shocks are self regulated systems when decrease (in-
crease) of injection results in stronger (weaker) subshock and in
the corresponding spectral flattening (steepening) at suprather-
mal energies that compensates initial decrease (increase) of in-
jection. Some observational support for this scenario is given
by observations of radio-supernovae of Type Ib/c. The radio-
spectra of these supernovae are steep with radio-index -1 [31],
that corresponds to E−3 spectrum of electrons. Such sub-GeV
energetic electrons are accelerated at the subshock with com-
pression ratio 2.5, that is the shock is modified. The density of
WR winds where the blast wave of Ib/c supernovae propagates
is relatively low and synchrotron losses of radioelectrons in the
amplified magnetic field are not strong enough to produce the
spectral steepening [31].
Another place where the injection can take place is the down-
stream region of the stellar wind termination shock. It is ex-
pected that for high Mach numbers of the wind weak density
disturbances in the wind will produce vortex motions and the
corresponding magnetic amplification in the downstream re-
gion [32]. When the blast wave crosses the termination shock,
the injection will take place at quasiparallel parts of the shock
because of the chaotic orientations of amplified random mag-
netic fields. The azimuthal and latitudinal components of the
random magnetic field will be further amplified in the incom-
pressible radial flow similar to the regular field. This effect is
important for weak regular fields that is for high Mach numbers
Mw.
It is also possible that quasiparallel parts of the shock can
appear after the interaction with dense clumps in the bubble.
Such clumps can be produced when the fast WR wind disrupts
the shell of the Red Super Giant (RSG) gas ejected at previous
stages of the progenitor evolution (see hydrodynamical model-
ing [34]).
We conclude that probably the ion injection takes place in the
turbulent medium of the bubble.
On the other hand it is known that the electron injection in-
deed takes place at quasiperpendicular shocks [33] even with-
out the ion injection. In this regard our model of DSA in the
bubbles gives some theoretical support to the leptonic models
of gamma emission in SNRs.
3
4. Influence of magnetic fields on the rotation of hot stars
Up to now kG magnetic fields were detected for several O-
stars by direct measurements of Zeeman effect [35]. WR stellar
winds also reveal their magnetic fields via observed nonthermal
X-ray and radio emission [36]. The Mach number of the wind
Mw can be written in terms of the surface magnetic field Bs as
(see Eq. (1))
Mw =
uw
Ωsrs
√
M˙uw
Bsrs
= 2.5
uw
Ωsrs
(
Bs
100 G
)−1
×
(
M˙
10−5M⊙yr−1
)1/2 (
uw
103 km s−1
)1/2 (
rs
1012 cm
)−1
. (10)
The first factor in this expression is the ratio of the wind
speed uw and the rotation speed vrot = Ωsrs of the star. For
rapidly rotating young massive stars it is of the order of 10. It
is clear from Eq. (10) that the fast rotation of the supernova
progenitor is a necessary condition for acceleration to PeV en-
ergies.
Therefore we should check whether the strong magnetic
torque influences the star rotation. The loss of the angular mo-
mentum J according to the theory of axisymmetric MHD flows
(e.g. [37]) is given by
dJ
dt
= −
2
3
M˙Ωsr
2
a (11)
Where ra is the distance to the Alfve´n point in the spherically
symmetric wind outflow. The factor 2/3 in this equation comes
from the integration on colatitude.
For the sake of simplicity we shall assume that the stellar
density is uniform at r < rs. Then the stellar angular momentum
J = 0.4Msr
2
sΩs where Ms is the mass of the star. Eq. (11) can
be rewritten as
Ms
dΩs
dt
=
5
3
Ωs
(
r2a
r2s
− 1
)
dMs
dt
(12)
For the wind velocity profile
u(r) = uw
√
1 −
rs
r
(13)
that is expected for the wind driven by radiation the position of
the Alfve´n point can be found from the equation
r2a
r2s
√
1 −
rs
ra
=
B2sr
2
s
M˙uw
=
v2a
v2rot
(14)
where va = uw/Mw is the Alfve´n velocity at large distances
in the stellar wind. So the evolution of the stellar rotation is
governed by the ratio va/vrot. The solution of Eq. (12) for the
time independent va/vrot is
Ωs = Ωs0
(
Ms
Ms0
) 5
3
(
r2a
r2s
−1
)
. (15)
WhereΩs0 and Ms0 are the initial angular velocity and the mass
of the star respectively.
Figure 1: Distribution of the gas pressure Pg (left panel) and the magnetic
tension B2/4pi (right panel) in the domain 10×20 pc at t = 3 · 105 yr. The
logarithmic scaling is from 2.3 · 10−12 erg cm−3 (black color) to 2.3 · 10−10 erg
cm−3 (white color).
It is clear from this solution that for the case ra ≫ rs the weak
change of the angular velocity is possible only for the weak
change of the stellar mass during the stellar evolution (e.g. for
the Sun). For the massive stars the change of the mass during
the stellar evolution is significant. Then the weak change of the
angular velocity is possible only for ra ≈ rs. We can rewrite
then Eq. (15) using the approximate solution of Eq. (14) as
Ωs = Ωs0
(
Ms
Ms0
) 10
3
v4a
v4rot
. (16)
It is clear that the ratio va/vrot ≤ 0.5 is enough for weak
changes of the angular velocity. The correspondingMach num-
ber of the wind
Mw ≥ 2
uw
vrot
. (17)
For the fast stellar rotation uw/vrot = 10 it is enough to have
the Mach number Mw ≥ 20 for the weak change of the angular
velocity during the stellar evolution. Interestingly this value
Mw ∼ 20 − 30 is enough for the acceleration to PeV energies
(see Sect.2).
5. MHD modeling of WR bubble
We performed two dimensional MHD modeling of the bub-
ble created by WR star. We used the Total Variation Dimin-
ishing hydrodynamic scheme [38] with the Van Leer flux lim-
iter. The method was applied in cylindrical coordinates and the
azimuthal magnetic field was added as an additional hydrody-
namic quantity. The radiative cooling was not taken into ac-
count. It is important for the formation of the high density thin
outer shell of the bubble. However the acceleration of cosmic
rays at the forward shock of the bubble and the interstellar mag-
netic fields can strongly influence the shell structure. We were
4
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Figure 2: Dependence of the gas density ρ, gas pressure Pg, magnetic pressure
B2/8pi, and kinetic energy density ρu2/2 on distance r at θ = pi/4. The gas,
magnetic pressure and energy density are in units 2.3 · 10−11 erg cm−3, the gas
density is in units 2.3 · 10−24 g cm−3.
Figure 3: Drift motions of the protons accelerated at the shock propagating in
the stellar wind.
interested in the inner part of the bubble and the pure MHD
modeling is good enough for this purpose.
The numeric results obtained for the grid with 200×400 cells
and size 10×20 pc are shown below. The number density of
circumstellar medium is n0 = 10 cm
−3. The supersonic stellar
wind outflow was obtained adding the sources of the gas, mag-
netic field and energy in the central region. We used the wind
speed 1000 km s−1, mass loss rate M˙ = 10−5M⊙yr
−1 and the
Mach number Mw = 20. To model the motion of the central
star we fix the negative value uz = −10 km s
−1 at the upper
boundary of the simulation domain. The results at the end of
simulation at t = 3 · 105 yr are shown in Fig. 1 and 2.
It is clear that the bubble periphery is filled by a rather strong
magnetic field with strength about 20 µG. The magnetic pres-
sure is comparable with the gas pressure. Themagnetic fields of
opposite polarity are separated by the thin neutral current sheet
that is influenced by vortex motions of the gas.
6. Modeling of DSA at perpendicular shocks
The particle acceleration at the solar wind termination shock
in the presence of diffusion and drifts was considered by Jokipii
1010.1
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N(p)p4
DB(p)/RsVs
η = ±10η = ±0.1
η = ±1
Figure 4: Averaged on the colatitude spectra of particles at the shock propa-
gating in the stellar wind. The spectra for positive and negative values of η are
shown by the solid and dashed curves respectively.
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Figure 5: Distribution of accelerated particles with momentum p = pmax on
colatitude θ at the shock for the case η = 1 (thick curve) and η = −1 (thin
curve).
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[39]. We performed the similar modeling of DSA at the spher-
ical nonmodified perpendicular shock with the radius Rs(t) =
Vst and the compression ratio 4 moving with the constant speed
Vs.
The cosmic ray transport equation for the isotropic momen-
tum distribution N(r, t, p) has the form [40]
∂N
∂t
+ u∇N − ∇iDi j∇ jN −
∇u
3
p
∂N
∂p
= Q (18)
Here u is the gas velocity and Q is the source term.
The diffusion tensor Di j in Eq. (18) can be presented as the
sum of the symmetric and antisymmetric parts
Di j = (D‖ − D⊥)bib j + D⊥δi j + DAei jkbk, (19)
where b = B0/|B0| is the unit vector in the direction of the
regular magnetic field B0, and D‖, D⊥, DA are the parallel,
perpendicular and antisymmetric diffusion coefficients respec-
tively. Introducing the drift velocity ud = [∇ × DAb] we can
rewrite the transport equation as
∂N
∂t
+ (u+ud)∇N −
∇u
3
p
∂N
∂p
=
∇(b(D‖ − D⊥)(b∇N)) + ∇D⊥∇N + Q (20)
We use the hard sphere scattering [41] below. The diffusion
coefficients have the following form
D‖ =
v2
3ν
, D⊥ =
v2ν/3
Ω2 + ν2
, DA =
v2|Ω|/3
Ω2 + ν2
. (21)
We shall assume that the parameter η = ν/Ω that is the ratio
of the scattering frequency ν and gyrofrequencyΩ does not de-
pend on coordinates. The cosmic ray transport equation can
be rewritten in new variables ξ = r/Rs(t), colatitude θ and
τ = ln(Rs(t)/R0) in the upstream region of the perpendicular
shock ξ > 1 as
∂N
∂τ
− ξ
∂N
∂ξ
=
d(p, τ)
sin θ
(
1
ξ2
∂
∂ξ
ξ2−n1
∂N
∂ξ
+
ξ−n1−2
∂2N
∂θ2
+ ξ−n1−2
1 − n1
η
∂N
∂θ
)
(22)
where the dimensionless function d(p, τ) = D⊥(p)/RsVs is
determined by the perpendicular diffusion coefficient D⊥ =
DB|η|/(1 + η
2) at the shock position. It was assumed that the
magnetic field strength is a power law function on ξ that is
B ∼ ξn1 sin θ. The last term in Eq. (22) describes the latitu-
dinal drift of particles in the nonuniformmagnetic field. As for
the drift velocity in the radial direction it is not zero only at
the poles and at the equator where the magnetic field changes
the sign (see Fig.3). This was taken into account by boundary
conditions (see Eq. (25) below).
In the downstream region ξ < 1 we used the following equa-
tion.
∂N
∂τ
−
ξ
4
∂N
∂ξ
−
3p
4
∂N
∂p
=
d(p, τ)
4 sin θ
(
1
ξ2
∂
∂ξ
ξ2−n2
∂N
∂ξ
+
1010.1
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Figure 6: Averaged on the colatitude spectra of particles at the shock propagat-
ing in the bubble. The spectra for positive and negative values of η are shown
by the solid and dashed curves respectively.
Table 1: Values of κ for different values of η
η ±0.01 ±0.1 -1.0 1.0 -10 10
wind 0.18 0.14 0.10 0.09 0.59 0.58
bubble 0.18 0.15 0.09 0.08 0.48 0.48
ξ−n2−2
∂2N
∂θ2
+ ξ−n2−2
1 − n2
η
∂N
∂θ
)
(23)
Here we assumed the linear profile of the radial gas velocity
u(ξ) = 3Vsξ/4 at ξ < 1. This results in additional adiabatic
energy losses of particles in the downstream region. It was also
assumed that the magnetic field strength increases by a factor
of 4 in the shock transition region.
The boundary condition at the shock front at ξ = 1 is given
by
d(p, τ)
sin θ
(
4
∂N
∂ξ
∣∣∣∣∣
ξ=1+0
−
∂N
∂ξ
∣∣∣∣∣
ξ=1−0
)
=
= p
∂NR
∂p
−
3d(p)
η sin θ
∂NR
∂θ
− 4QR(p) (24)
Here NR = N|ξ=1 is the momentum distribution at the shock
front and the source term QR(p) describes the injection of low
energy particles at the shock front. The boundary condition at
θ = 0 and θ = pi/2 is
ξ
∂N
∂ξ
= η
∂N
∂θ
(25)
We shall consider two important cases below. If the shock
propagates in the wind the function d(p) is time independent
and the index n1 = −1. The linear profile of the gas speed in
the downstream region results in n2 = 2. In the second case
the shock propagates in the bubble with the linear increase of
the magnetic field strength. The maximum energy of particles
increases and the function d(p, τ) contains an additional factor
exp(−2τ). The corresponding numbers are n1 = 1 and n2 = 10.
The magnetic field is concentrated in the narrow region behind
the shock in this case.
6
Small energy particles were injected uniformly at the shock
surface. The transport equations (22), (23) with boundary
conditions (24), (25) were solved using the finite difference
method. The temporary evolution was calculated up to τ = 1
when the shock radius had increased e times in comparisonwith
the initial radius R0. For the wind case the momentum distribu-
tion is almost steady at this time.
The numeric results are shown in Fig. 4-6 and in Table 1.
Spectra of particles at the shock propagating in the wind are
shown in Fig. 4. In spite of opposite directions of drifts the
spectra integrated on colatitude are almost the same for differ-
ent signs of η. For large absolute values of η this is expected
because in this case the diffusion is almost isotropic and the
regular field plays no roˆle. At small absolute values of η the
particles are magnetized and their energy gain is accompanied
by the drift on colatitude at the shock surface (see the right hand
side of the boundary condition (24)). The maximum energy is
regulated by the electric potential difference only. The spectra
are slightly different in the intermediary case η ∼ 1. On the
other hand the latitudinal distribution of highest energy parti-
cles strongly depends on the sigh of η (see Fig.5). For η < 0
the particles drift to equatorial regions of the shock and their
number density is maximal at θ = pi/2. For the opposite sign
the particles drift to the pole but this effect is compensated by
weak magnetic fields in the polar region.
The values of the factor κ in Eq. (2) were obtained in our
modeling and are given in Table 1. The maximum momentum
pmax was determined as N(pmax)p
4
max = e
−1. For small absolute
values of |η| < 0.1 the factor κ tends to the universal value κ =
0.19.
The values η ∼ 0.1 − 1 are important for DSA in the bub-
bles. We expect that these values of η are realized in the turbu-
lent mediumwith magnetic perturbationswhich are comparable
with the regular magnetic field. This situation is also favorable
for the ion injection at the blast wave propagating in the bubble.
The results of our modeling correspond to the age of the blast
wave t = Rs/Vs. This age is t ∼ 10
3 yr when the blast wave of
Ib/c supernova explosion approaches the bubble boundary.
7. Discussion
We found that wind blown bubbles produced by fast stellar
winds of the supernova progenitors are very plausible places for
DSA to PeV energies. The magnetic field of the stellar wind is
significantly amplified in the bubble by the Cranfill effect (see
Sect. 2). The magnetic pressure is comparable with the gas
pressure at the periphery of the bubble. A significant part of the
stellar wind energy goes in to the magnetic energy. In addition
to the regular magnetic field there are magnetic disturbances in
the turbulent medium of the bubble. In this regard the stellar
wind prepares ideal conditions for DSA at the blast wave of the
supernova explosion.
Therefore we expect that there are two types of young SNRs
as sources of Galactic cosmic rays.
The first one includes the young SNRs where the particles ac-
celerated at the the blast wave prepare the conditions for their
efficient acceleration via the streaming instability resulting in
the generation of MHD turbulence and in the magnetic field
amplification in the upstream region of the shock. SNRs pro-
duced by supernova explosions in the interstellar medium and
in the circumstellar medium with a low level of background
turbulence or weak regular magnetic fields are of this type. The
examples are SN 1006, Tycho, Cas A. The maximum energy is
of the order of 100 TeV for this type of SNRs.
The second type includes the young SNRs in the wind blown
bubbles where the low density medium is turbulent and is pre-
pared for DSA via the magnetic amplification by the Cranfill
effect. The examples are RX J1713.7-3946, RCW 86, Vela Jr.
The maximum energy can be close to PeV or even more for
remnants of Ib/c supernovae.
This picture is in accordance with radio, X-ray and gamma
ray observations of young SNRs.
The similar conclusion about the efficient cosmic ray accel-
eration by supernova blast wave propagating in stellar winds
of WR and O-stars and the prediction of two kinds of cos-
mic ray accelerating SNRs was made earlier by Biermann [42].
Later his model was used in several phenomenological models
of Galactic cosmic rays [43, 44].
Our consideration of DSA in wind blown bubbles is close to
the model of Berezhko and Vo¨lk [29]. A new element of our
model is the magnetic amplification produced by the Cranfill
effect. In addition we neglect the gas evaporation from the bub-
ble shell (see Sect. 2). This results in the lower bubble density,
the higher shock speed and in the proton acceleration beyond
PeV energies. Our opinion is that the use of the gas evaporation
based on the classical thermal conductivity is questionable in
the turbulent magnetized plasma.
The maximum energies close to 0.5 PeV were obtained by
Telezhinsky et al. [45] in their modeling of DSA in remnants
of Ic supernovae. They did not take into account the Cranfill
effect and used the stronger magnetic field of the stellar wind.
In addition a rather high mass of supernova ejecta Mej = 5M⊙
was assumed. The lower ejecta mass Mej ∼ 1M⊙ would result
in acceleration to PeV energies.
The regular magnetic field of several tens of µG in the bubble
is comparable with the random field generated in the upstream
region of the shock by streaming instability of accelerated par-
ticles. At first sight this means that the maximum energy is not
higher than the maximum energy provided by the streaming in-
stability. However this is not so because the random field is
concentrated in the narrow region near the shock. In addition
the magnetic field of the bubble is azimuthal and this results in
the more effective confinement of accelerated particles.
It is expected that the strong magnetic fields of the bubble
prevent the strong shock modification. Then the spectra of ac-
celerated particles are not very hard. Contrary to the case of
quasiparallel shocks this will not result in lower maximum en-
ergies because the maximum energies provided by quasiperpen-
dicular shocks are not related with the number density of high-
est energy accelerated particles.
Another important point is that the Pevatrons in the bubbles
are long lived accelerators with the age of thousands years. The
WR stars are the progenitors of Type Ib/c supernova which are
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∼ 10% of all core collapse supernovae. Then for the core col-
lapse supernova rate 0.02 yr−1 we expect to find several Peva-
trons in the remnants of Type Ib/c supernova with the thousand
year age.
This situation is opposite to the probable acceleration to PeV
energies in high density environment of remnants produced in
the Type IIn and IIb supernova explosions.
Because of the low densities the expected fluxes of hadronic
gamma rays are of the order of 10−12n0.6
0
d−2
kpc
erg cm−2 s−1 when
the blast wave propagates inside the bubble. The high number
density n0 > 10 cm
−3 of the gas around the bubble is preferable
for the gamma detection. Probably several such objects were
already detected by the modern Cherenkov telescopes (e.g. the
resent HESS detection of RX J1741-302 [47]).
Parameters of theWR bubble obtained in ourMHDmodeling
correspond to the environment of SNR RX J1713.7-3946. In
the leptonic model of gamma emission weak magnetic fields ∼
15 µG in the remnant shell [46] correspond to the Mach number
Mw ∼ 100 of the stellar wind.
The Mach number is not constrained in the hadronic model
because the interaction with the dense shell of the bubble is
necessary to reproduce the observable flux of gamma emission.
Deceleration of the blast wave in the shell can result in the mod-
est current maximum energy of the order of 100 TeV derived for
hadronic scenario [46]. It is possible that protons were accel-
erated to higher energies at earlier times when the blast wave
propagated inside the bubble.
Strong regular magnetic fields of the bubble can manifest
themselves via Faraday rotation with rotation measure RM∼ 10
rad m−2 and via high level of the linear polarization of SNR
radio emission. In this regard Pevatrons in magnetic bubbles
combine the features of young and old SNRs. It is expected
that they emit nonthermal X-rays like young SNRs and highly
polarized radio emission with magnetic fields vectors tangent
to the remnant rims like in old SNRs.
8. Conclusions
Our main conclusions are the following:
1) Powerful stellar winds of O-stars and WR stars can pro-
duce stronglymagnetized interstellar bubbles with the magnetic
energy comparable with the thermal energy of the hot low den-
sity gas inside the bubbles.
2) We expect that there are two types of SNRs as the sources
of Galactic cosmic rays. The first one includes the SNRs pro-
duced by supernova explosions in the interstellar medium or in
the circumstellar medium with weak turbulence and weak reg-
ular magnetic fields. The second type includes SNRs in wind
blown bubbles where the low density medium is prepared for
the efficient DSA. Both types of SNRs are observed now in ra-
dio, X-rays and gamma rays.
3) The estimated maximum energy of protons accelerated in
remnants of Ib/c supernova produced by WR winds is well be-
yond PeV energy. It is slightly below PeV but not too much for
remnants of Type IIP supernovae produced by winds of O-stars.
4) Since the lack of hydrogen is a characteristic feature of
WR stellar winds, we explain the helium dominated cosmic ray
composition in the ”knee” region.
5) We expect to find several Galactic Pevatrons with age
∼ 103 years in magnetic bubbles contrary to the previous es-
timates.
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SNRs. The work was partially supported by the Russian Foun-
dation for Basic Research grant 16-02-00255.
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